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SUMMARY 
The densities of charged particles in ionization-recombination equilibrium are investi- 
gated with some revised reaction rate coefficients. Especially the dissociative re- 
combination rate of H3 with an electron is decreased by a factor 102 compared with 
the rate generally used before. At the density by hydrogen number nH^ 1011 cm-3, 
where electrons and ions are the dominant charged particles, the ionization fraction 
depends considerably on the degree of depletion of heavy elements from the gas 
phase. At higher densities where grains are the dominant charged particles, the 
abundances of some dominant charged particles depend scarcely on the degree of the 
element depletion. Dissipation of magnetic fields due to plasma drift (ambipolar 
diffusion) and ohmic loss is investigated for the cloud cores with density 
nu ~ 103—1013 cm-3. At nH ^ 1011 cm-3 the dissipation time of magnetic fields is 
considerably greater than the free-fall time, and it is difficult to decrease the magnetic 
flux of the cloud core much below the critical flux for magnetohydrostatic equilibrium. 
At nu ^ severalx 1011 cm-3 the magnetic field decouples from the gas due to ohmic 
dissipation, and only a nearly uniform field can exist in such a cloud. 

1 INTRODUCTION 

The magnetic flux problems in star formation can be classi- 
fied into two catégories. First, the magnetic field may inhibit 
the contraction of the cloud. An interstellar cloud is 
supported by the magnetic force against the self-gravity when 
its magnetic flux <I> is greater than the critical flux given by 

<1>C « 2jrG1/2M, (1) 

where G is the gravitational constant and Mis the mass of the 
cloud (Mestel 1965, 1966; Strittmatter 1966; Field 1970; 
Nakano 1981,1984). A cloud (or a part of the cloud) cannot 
form stars unless its flux is decreased below <ï>c. Secondly, the 
magnetic flux through an ordinary cloud is not much less 
than <FC, and the magnetic flux-to-mass ratio of the cloud 
exceeds the ratio of the magnetic star by a factor of between 
several hundred and 105 (Nakano 1983a, 1984). Thus, most 
of the initial flux of the cloud (or more exactly the cloud core) 
must be lost at some stage of star formation. 

The magnetic field in a slightly ionized cloud dissipates by 
the process referred to alternatively as ‘ambipolar diffusion’ 
or ‘plasma drift’ (Mestel & Spitzer 1956) and by the ohmic 
dissipation. Although both processes operate simul- 
taneously, the latter is negligible in the cloud of ordinary 

density. Nakano & Umebayashi (1986a,b) formulated a 
method of treating both processes simultaneously and found 
that the magnetic field decouples from the gas only at the 
hydrogen number density nH ^ several x 1011 cm-3 where 
the ohmic dissipation is the dominant process. 

The dissipation of magnetic fields depends strongly on the 
densities of various charged particles. By laboratory experi- 
ments Smith & Adams (1984) found only an upper limit to 
the rate coefficient of the dissociative recombination of H3 
with a free electron, which is two orders of magnitude 
smaller than the coefficient generally used before. Amano’s 
(1988) experiments show the rate coefficient nearly equal to 
the old value. Thus the recombination of is controversial 
at present. Because H3 may be a dominant charged particle 
in some situations, this may have significant effects on the 
magnetic flux loss. There have been some other revisions on 
the reaction rate coefficients. The purpose of this paper is to 
re-investigate the dissipation of magnetic fields in the inter- 
stellar clouds with the new rate coefficients. 

In Section 2 we investigate the densities of various charged 
particles in the ionization-recombination equilibrium with a 
simplified reaction scheme. Using the general formula for 
describing the dissipation of magnetic fields we investigate in 
Section 3 the time-scale of magnetic flux loss from the cloud 
cores with nH between 103 and 1013 cm-3. Some related 
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problems are discussed in Section 4. Results obtained in this 
paper are summarized in Section 5. 

2 DENSITIES OF CHARGED PARTICLES 

Oppenheimer & Dalgarno (1974) investigated the fractional 
ionization in dense interstellar clouds. A simplified reaction 
scheme including the grain surface recombinations for calcu- 
lating the densities of various charged particles was con- 
structed by Nakano (1976) and was reinforced by 
Umebayashi & Nakano (1980). Umebayashi (1983) and 
Nakano (1984) also investigated the densities of charged 
particles in a cloud of higher density. In this section we 
present the model of the reaction scheme with some modifi- 
cations and investigate the densities of charged particles in 
various situations of interstellar clouds. 

2.1 The simplified reaction scheme 

In the magnetic flux problem we need only the densities of 
some dominant charged particles. The elements to be con- 
sidered for this purpose are H, He, C, O and refractory 
heavy elements. The relative abundances of these elements 
adopted in this paper are shown in Table 1. They are the 
latest solar abundances (Cameron 1982) except for He 
the abundance of which is, as in previous work, taken higher 
than the solar abundance in accordance with the interstellar 
abundance. The other elements are minor in abundances or 
do not play an important role in the reaction scheme (e.g. 
nitrogen). We define two parameters representing the frac- 
tions of the elements in the gas phase: for the volatile ele- 
ments C and O, and <52 for the refractory heavy metal atoms. 
As found with extensive measurements of ultraviolet inter- 
stellar absorption lines, these heavy elements are con- 
siderably depleted in some interstellar clouds compared with 
the solar abundances (e.g. Morton 1974). 

The chemical species included in the reaction scheme are 
also shown in Table 1. Because we consider dense clouds in 
which star formation may occur, we assume that most of the 
elements have been transformed into their molecular form. 
The oxygen in the gas phase other than the constituent of CO 
is in the form of 02, H20, OH or O. Because the reaction 

Table 1. The relative abundances of the elements. 

Element 

H 
He 
G 
O 

Metal total 
Na 
Mg 
A1 
Ca 
Fe 
Ni 

Si 

Abundance 

1 
8.5 x IO"2 

4.2 x nr4 

6.9 x HT4 

8.4 x nr5 

2.3 x IO"6 

4.0 x 10"5 

3.2 x 10"6 

2.3 x lO’6 

3.4 x IO"5 

1.8 x 10~6 

3.8 x 10"5 

Chemical species 

H2 

He 
CO 

02,0 

M 
Na 
Mg 
A1 
Ca 
Fe 
Ni 

Fraction in the 
gas phase 

1 
1 

¿1 

¿2 
¿>2 
82 
60 

¿2 
82 
82 

rate coefficients of 02, H20 and OH with ions are of the 
same order and the recombination rate coefficients of the 
resultant ions with electrons are also of the same order, we 
regard the reactions of the most abundant species 02 as 
representative of their reactions. We introduce a parameter 
fo2 representing the fraction of oxygen in the gas phase in the 
form of 02, H20 or OH. Because the metal atoms Na, Mg, 
Al, Ca, Fe and Ni have nearly the same rate coefficients for 
the charge-transfer reactions with ions and the resultant 
metal ions also have similar rate coefficients for the radiative 
recombinations with electrons, we neglect the differences 
among them and denote them as M collectively. 

As for the abundance and the size of dust grains we adopt 
the following simplified model: 

(i) all grains have the same radius a. We consider three 
cases a ~ 0.3,0.1 and 0.03 jum, 

(ii) grains consist of rocky and metallic materials such as 
MgO, Si02, FeO, NiO, Na, Al and Ca. 

Because most of the elements Mg, Si, Fe, Ni, Na, Al and 
Ca are greatly depleted from the gas phase even in diffuse 
clouds (e.g. Morton 1974), the grain abundance nJnH by 
number relative to hydrogen is determined by assuming that 
the total amount of those elements is in grains. In dense 
clouds where the temperature is low, grains also contain icy 
materials such as H20, CH4 and NH3. We shall investigate in 
Section 4 the effect of the icy materials on the densities of 
charged particles and on the dissipation of magnetic fields. 

The following species of charged particles are considered 
in our simplified reaction scheme: electron e, H+, He+, C+, 
H^, molecular ion m+ (except HJ ), metal ion M+, and grains 
G( - 1) and G( + 1) with electric charge - e and e, respec- 
tively, where e is the unit electric charge. The important 
reactions of molecular ions are the charge transfer with metal 
atoms and the dissociative recombination with electrons. 
Because the rate coefficients of both reactions are similar 
among various molecular ions, we neglect the differences 
among them and denote them as m+ collectively. Because 
0+ reacts rapidly with H2 to form OH+, we regard the 
formation of 0+ as the formation of a molecular ion. 
Because grains of higher electric charge are scarce in the 
physical situations of dense clouds and the reaction rate 
coefficients on grain surface hardly depend on the kind of 
adsorbed particles (Umebayashi & Nakano 1980; Umebay- 
ashi 1983), we consider only the grains of charge ± e and 0 
(neutral) and regard adsorbed ions as a single species. 

In dense clouds shielded from the interstellar ultraviolet 
radiation, the gas is mainly ionized by cosmic rays and radio- 
active elements. Table 2 lists the reaction rates of H2 and He 
with such energetic particles in units of the total ionization 
rate Ç of a hydrogen molecule, which includes the ionization 
by secondary electrons. Since H2 reacts immediately with H2 

Table 2. The ionization rates by energetic particles. 

Reaction Rate 

H2 + e 0.97 Cf 

H2 — H+ + H + e 0.03 C | 
He —■> He+ + e 0.84C 

11 is the total ionization rate of a hydrogen molecule. 
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to form we regard H3 as a direct product of the 
ionizatipn. 

The reactions of ions in the gas phase and their rate co- 
efficients are shown in Table 3. We have revised some of the 
rate coefficients mainly according to the data summarized by 
Prasad & Huntress (1980). For the rate coefficients of m+ we 
use those of the most abundant molecular ion HCO+. 
Similarly we use those of Mg+ for M+. The dissociative 
recombination rate coefficient for H3 has been remarkably 
changed. Smith & Adams (1984) found from laboratory 
experiments that its rate coefficient in dense clouds is less 
than ~ 2 x 10"8 cm3 s~l. Michels & Hobbs (1984) estimated 
theoretically that for interstellar conditions the H| re- 
combination rate coefficient is two orders of magnitude 
smaller than the value generally accepted before. Therefore 
we use this upper limit in the following calculation. Because 
we are concerned with the clouds of hydrogen density 

1013 cm-3, we neglect the three-body reactions whose 
rate coefficients are of the order of 10"29 cm6 s_1 (Capone 
et al 1916). 

In addition to the above processes we consider the re- 
combination of ions and electrons on grain surfaces. We 
adopt the following model for the grain surface reactions 
(Umebayashi & Nakano 1980; Umebayashi 1983). 

(i) When an electron hits a neutral grain, it sticks to the 
grain with the probability SQ which is between 0.1 and 1.0. 
When an ion hits a neutral grain, it sticks to the grain without 
fail. 

(ii) When an ion hits a negatively charged grain, and when 
an electron hits a positively charged grain, the electron and 
the ion recombine and leave the grain surface. 

(in) When grains of opposite charge in thermal Brownian 
motion collide, they neutralize themselves. 

Table 3. The reactions of ions in the gas phase and their rate co- 
efficients. 

Reaction 

H+ + 0 -+ 0+ + H 
H+ + 02 ^ 0+ + H 
H+ + M —>• M+ + H 
He+ + H2 ^ H+ + H 
He+ + CO -> C+ + 0 
He+ + 02 ^ 0+ +0 
H+ + CO - HCO+ + H2 

H+ + O ^ OH+ + H2 

H+ + 02 - 02H
+ + H2 

H+ + M M+ + H 
C+ + H2 - CH+ + hv 
C+ + 02 ^ CO+ + 0 
C+ + O2 - 0+ + CO 
C+ + M —► M+ + C 
m+ + M —>• M+ + m 
H+ + e -*• H + hv 
He+ + e —> He ,+ hv 
H3 + e ^ H + H 

- H2 + H 
C+ + e ^ C + hv 
m+ + e —> mi + m2 

M+ + e —>• M + hv 

Rate coefficient (cm3 s 1) 

7.0 x IO"10 exp(—232/T) 
1.2 x 10"9 

1.1 x IO"9 

+ He 1.5 x IO"13 

+ He 1.6 x IO”9 

+ He 1.0 xlO"9 

1.7 x IO"9 

8.0 x lO”10 

6.4 x lO“10 

+ H2 1.0 x IO”9 

6.0 x 10"16 

7.5 x IO"10 

4.1 x lO"10 

1.1 x lO"9 

2.9 x 10"9 

3.5 x 10“12(300/T)°7 

4.5 x 10-12(300/T)0-67 

+ H 'i . [ £ 2 x 10_b 

4.4 x 10_12(300/T)° 61 

2.0 x 10-7(300/T)° 75 

2.8 x 10-12(300/T)° 86 

Magnetic flux loss from interstellar clouds 105 

The mean collision rate coefficient {ov) of an ion or an 
electron of mass m and charge q with a grain of radius a and 
charge le is given by 

(ov) = Tta2 8frB?V/2/l Iqe \ 
jtm J \ akB T] 

for lq<0, (2) 

where T and kB are the gas temperature and the Boltzmann 
constant, respectively. The mean collision rate coefficient 
(ov)gg of a grain of radius a and charge le with another grain 
of a1 and /' e is given by 

(ov)gg= 7i(a+ af 
f8fcBr\ 

k / 

uV \ 
{a + a')kBT j 

for//'<0, (3) 

where jug is the reduced mass of the colliding grains. We 
neglect the coalescence of grains. 

Draine & Sutin (1987) investigated the recombination of 
charged particles on grains by taking into account the effect 
of polarization of grains and by introducing a huge amount of 
very small grains (a < 0.005 /un), and found that the rare 
coefficient is about 103 times greater than that obtained by 
Umebayashi & Nakano (1980). Most of this enhancement is 
due to the introduction of very small grains. We do not 
consider the effect of polarization because it is not very 
important for our grain model. 

Fig. 1 shows schematically the scheme of chemical 
reactions described above. The recombination reactions are 

Figure 1. A schematic diagram for the scheme of the chemical 
reactions related to the densities of charged particles in dense inter- 
stellar clouds. Reactions concerning metals and those concerning 
heavy elements other than metals are shown by the dashed and 
dot-dashed lines, respectively. The recombination reactions are 
omitted to avoid the complexity of the figure. 
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omitted to avoid the complexity of the figure. The reactions 
concerning metals and those concerning heavy elements 
other than metals are represented by the dashed lines and the 
dot-dashed lines, respectively. In the case of no metals in the 
gas phase {ô2 = 0), reactions represented by the dashed lines 
in Fig. 1 are excluded from the reaction scheme. In the case 
of no heavy elements in the gas phase (ó1 = ó2 = 0), the 
reaction scheme reduces to the one represented by the solid 
lines. 

2.2 Numerical results 

Using the reaction scheme described in Section 2.1, we 
investigate the densities of charged particles in dense inter- 
stellar clouds. The rate equation for constituent X;- is given 
by 

^7^ = I y,y£«(Xy) + £ ßilkn{Xj)n{Xk\ (4) 
at j y,* 

where «(X,) is the number density of X¿, is the rate co- 
efficient for forming X¿ by the ionization of Xy, and ßijk is the 
rate coefficient of the two-body reaction. The grain surface 
reactions are included in the last term. Because the gas in 
dense clouds is in ionization-recombination equilibrium as 
will be confirmed in Section 4, we obtain from equation (4) 

x(x/)+EMx/)x(x*)=o, (5) 
y j,k 

where x(X;) = «(X;)/«H. The fractional abundance x(Xz) of 
the constituent X, depends on nH and £ through the form 
«h/Ç- 

We investigate the following cases of the element deple- 
tion: (i) 0^02 and ô2 = 0.02; (ii) 0^02 and ó2 = 0; (iii) 
ó1 = ó2 = 0. Case (i) corresponds to the typical diffuse 
clouds (Morton 1974). Cases (ii) and (iii) are some limiting 
situations for dense clouds. We take fÖ2 = 0.7 in accordance 
with the molecular abundances calculated by Mitchell, 
Ginsburg & Kuntz (1978). We also take T= 10 K and 
Se=l. 

We first take the grain radius a = 0.1 jum and the internal 
density of grains 3 g cm“3. Then we find the relative number 
density of grains «g/nH « 8.9 x 10-13. Figs 2-4 show the 
relative abundances Jt(X) of various particles X as functions 
of «h/£- The general features common to the three cases of 
the element depletion are as follows. 

(i) At least at nH/Ç ^ 1027 cm-3 s, electrons and ions are 
the dominant charged particles and more them 70 per cent of 
grains have an electric charge — e and the rest are mainly 
neutral. 

(ii) At nH/^^ 1030 cm"3 s, grains with charge e and - e 
are the dominant charged particles and the number density 
of free electrons is much lower than that of ions. 

Some characteristics at the densities where electrons and 
ions dominate are as follows. In case (i) (Fig. 2) the metal ion 
M+ is dominant. This is because M+ formed by charge 
transfer from m+ is destroyed much more slowly than m+ 

and the other ions are rapidly transformed into m+. In case 
(ii) (Fig. 3) the molecular ion m+ is dominant. This is because 
there are no metals in the gas phase and the other ions are 

loo nH (cm-3) for 
4 6 8 10 12 14 16 18 

Figure 2. The abundances of various charged particles relative to 
hydrogen, n(X)/nH, as functions of nH/Ç, the total hydrogen density 
nH divided by the ionization rate of a hydrogen molecule £, for the 
depletion of heavy elements dj = 0.2 and ô2 = 0.02 and for the grain 
radius a = 0.1 ¿um. The metal ions, molecular ions other than H3

+ and 
the grains with electric charge - e, neutral and e are represented as 
M+, m+, G( -1), G(0) and G( +1), respectively. 

log nH (cm-3) for t^lCf^s"1 

4 6 8 10 12 14 16 18 

Figure 3. The abundances of various charged particles for ôj = 0.2 
and 02 = 0. The other details are the same as in Fig. 2. 
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log nH (cm-3) for 

4 6 8 10 12 14 16 18 

Figure 4. The abundances of various charged particles for 
Ô! = ó2 = 0. The other details are the same as in Fig. 2. 

rapidly transformed into m+. For ó2 ^ 10-4 the abundances 
of electrons and the dominant ions are nearly the same as in 
this case with (52 = 0. In case (iii) (Fig. 4) H+ is dominant at 
nH/Ç^ 1022 cm-3 s. Although H3 is produced six times 
more than H+, H3

+ is destroyed much more rapidly through 
dissociative recombination. At higher rcH/£, H3 is dominant. 
This is because the recombination of H3

+ on grains surpasses 
the dissociative recombination due to the decrease of jc(e) 
and the rate coefficient for the former process is similar to 
that of H+. 

When m+ is destroyed mainly through dissociative re- 
combination [at rcH/£ less than 1025 and 1027 cm-3 s for cases 
(i) and (ii), respectively], we approximately have x(e)oc («H/ 
Ç)"1/2. At rcH/Ç> 1025 cm-3 s for case (i) where m+ is 
destroyed mainly through charge transfer to M and then the 
ions recombine mainly on grains, we approximately have 
x(e)°c(nH/Ç)_1. These are the same as in Umebayashi & 
Nakano (1980). At the densities where H3 is dominant in 
case (iii), we also have x(e)°c(nH/Ç)“1. This is because 
recombines mainly on grains at this density range. 

Although the dissociative recombination rate of has 
been decreased by two orders of magnitude compared with 
the previous works, the densities of charged particles are 
hardly affected by this in cases (i) and (ii). This is because the 
transformation of HJ into the other molecular ions by the 
reaction with CO, 02 and O is much faster than the dissocia- 
tive recombination even with the previously used rate. In 
case (iii) the recombination of occurs mainly on the grain 
surface at the density region where H3 is the dominant ion. 
The change in the dissociative recombination rate of 
causes the change in the density region where is 
dominant, and therefore the density of free electrons is 
affected only slightly. 

Magnetic flux loss from interstellar clouds 107 

As ftH/£ increases, the relative abundances of ions 
decrease, while the abundance of charged grains remains 
nearly constant as shown in Figs 2-4, and at last at nH/ 
Ç ^ 1028 cm-3 s the number density of grains becomes com- 
parable to or higher than that of ions. In such a situation the 
number density of electrons is considerably smaller than that 
of ions because of the charge neutrality. At nH/Ç^1030 

cm-3 s the grains with one excess electron and those with one 
excess ion are dominant charged particles and their number 
densities become nearly equal to each other. 

The charge-state of grains at ftH/£ ^ 1030 cm-3 s depends 
hardly on the depletion of elements. The relative abundance 
of electrons is almost the same among the three cases of 
the element depletion, while there are some differences in the 
abundance of the dominant ions. As nH/Ç increases, the ratio 
of the number densities of electrons and the dominant ions, 
ndnv approaches the limiting value 

«e_|lwe\’
/2_ 1 Í1 28mHy

/2 (6> 
nx \Se mij 227 \Se mi 

where mt, mx and raH are the masses of the electron, ion and 
hydrogen atom, respectively (Umebayashi 1983; Nakano 
1984). Apart from Se, equation (6) represents the ratio of the 
collision rate coefficients of ion and electron with neutral 
grains which are proportional to the thermal velocities of the 
incoming particles. 

Because the recombination of electrons and ions mainly 
occurs on the grain surface at «H/£^ 1027 cm-3 s, we 
approximately have jc(e)°c(«H/Ç)_1. At 1031 cm-3 s^«H/ 
Ç^IO34 cm-3 s the charge-state of grains hardly changes 
because it depends only on aT, Se and njrii (Umebayashi 

log nH (cm3) for t=10“17s"1 

4 6 8 10 12 14 16 18 

Figure 5. The abundances of various charged particles for 
<5i = <52 = 0 and for a = 0.3 ¡um. The other details are the same as in 
Fig. 2. 
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log nH (cm"3) for 

4- 6 8 10 12 14- 16 18 

Figure 6. The abundances of various charged particles for 
<5i = ó2 

= 0 for a = 0.03 ¡am. The other details are the same as in 
Fig. 2. 

1983). At «h/£^ 1034 cm-3 s recombination of adsorbed 
electrons and ions during the grain-grain collisions is 
efficient, and we have x[G( - 1 )] - x[G( + 1 )] °c (rcH/£)-1/2. 

We next investigate the dependence of x(X) on the grain 
radius. For a = 0.3 and 0.03 /un we have njn^ « 3.3 x 10"14 

and 3.3 x 10" n, respectively. The relative abundances x(X) 
for the case of ôj = <52 = 0 are shown in Figs 5 and 6. The 
results are summarized as follows. 

(i) As a increases, the recombination on grain surfaces 
becomes inefficient and then the relative abundances of 
electrons and ions increase. This effect is generally larger at 
higher nH/Ç, where the grain surface recombination is more 
efficient than the radiative and dissociative recombinations. 

(ii) The value of nH/Ç at which the number density of 
grains becomes equal to that of ions is sensitive to a. This 
value is 2 x 1030,1 x 1028 and 3 x 1025 cm“3 s for a = 0.3,0.1 
and 0.03 /un, respectively. 

(iii) At high uh/£, where grains are the dominant charged 
particles, the abundances of charged grains are nearly pro- 
portional to a~2 as long as the grain-grain collision is in- 
frequent. At still higher uH/Ç, where the neutralization by the 
grain-grain colhsion is efficient, the abundance of charged 
grains hardly depends on a. 

Such general features are common to the other cases of 
the element depletion. 

3 THE TIME-SCALE OF MAGNETIC FLUX 
LOSS 

As shown in Section 2 the gas in the interstellar cloud is only 
slightly ionized. The dissipation processes of magnetic fields 

in such clouds have been investigated comprehensively by 
Nakano (1984) and Nakano & Umebayashi (1986a). The 
electric field E in the local plane perpendicular to the 
magnetic field B is expressed as 

E + -(Un+vß)XB==0» (7) c 

where un is the velocity of neutral molecules in the inertial 
system and c is the fight velocity. We call yB the drift velocity 
of magnetic field because the magnetic flux through an 
arbitrary closed curve is conserved when every point on the 
curve moves with the velocity yB relative to the neutrals. The 
components of this velocity are given by 

(8) 
Ac 

vBy= -~-|jxB|, (9) 
c 

where j = (c/4jt)V x B is the electric current density, 

a,=i Prft>v 
zvQl 

. pvtt)v 

' tIqI ’ 
(10) 

. ^ 2 , ¿2 V Pk^k Pvmv I , 1 \ A = A¡+A2= l,-2pr2^2(rK(oKTvcov+i), 
K““ K ^ v““ V 

(11) 

Q2
v=-2+col, (12) 

Tv 

Pv tv and cov = qveB/mvc are the mass density, the viscous 
damping time of motion relative to the neutrals and the 
cyclotron frequency, respectively, of a particle v with mass 
mv and electric charge qve. In equations (8) and (9) we have 
adopted the local Cartesian coordinates {x, y, z) with the z- 
axis along B and the x-axis along the magnetic force (1/c) 
(j x B). It is to be noticed that both components of the drift 
velocity are proportional to the strength of the magnetic 
force. 

In general the dissipation of magnetic field is determined by 
vBx (Nakano & Umebayashi 1986a). This is self-evident for 
an axisymmetric cloud because the drift in the azimuthal (y) 
direction has no effect on the flux loss. When vBx is much 
smaller than the velocity unx of the neutrals, the magnetic 
field is nearly frozen to the neutral gas. When vBx is com- 
parable to or greater than unx9 the field is effectively de- 
coupled from the gas. 

The drift velocity vBx contains both the effects of the 
plasma drift and the ohmic dissipation. The ratio of the 
plasma drift to the ohmic dissipation is effectively given by 
(Nakano & Umebayashi 1986a) 

z 
pKwK pvov 

rlQl r2
vQ

2
v 
[rKo)K{rv(ovf-l]. (13) 

When positive and negative charges concentrate indiyidually 
into a single species (which we denote k and v\ equation (13) 
reduces to 

-rK(oKTv(ov. (14) 
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Thus, as long as \ xqo)qt{o){\> 1 and nQ~ ng, the magnetic 
field is mainly dissipated by the plasma drift. When the 
dominant charged particles are weakly coupled with the 
magnetic field, the ohmic dissipation overwhelms the plasma 
drift. 

A magnetized cloud is usually non-spherical, contracted 
along the field lines. Let us consider an oblate cloud with 
mass M, radius R, half-thickness Z(<R) and mean density 

3M 
4:tR2Z ‘ (15) 

Because the contraction along the field Unes is faster than 
across the field, the cloud can easily attain quasi-equilibrium 
along the field lines, i.e. 

GM ^ kBT p 
T) 2 R ry 5 
R fxmw Z 

(16) 

where /à is the mean molecular weight of the gas. From 
equations ( 15 ) and ( 16 ) we have 

Z« / V/2 

\AnGiimHpi 
(17) 

We also have the mean column density 

a* ^ [ AkBTp 
\jiGjumH¡ 

1/2 
(18) 

Equation (18) gives the column density of an isothermal disc 
with infinite extent if p is set equal to half the central density 
of the disc. 

If the field configuration is fixed, the mean magnetic force 
in the cloud is proportional to B2, i.e. 

1 
c 

ljxB| 
' BŸ I 
,5c) c 

ljxB|c, (19) 

where B is the mean field strength in the cloud and Bc is the 
critical field with which the mean magnetic force balances 
with the gravity, i.e. 

1 
c 

gm 
jXB (20) 
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From equations (8), (17), (21) and (22) we have 

A 3 
A ! AjiGp2 (23) 

The efficiency of magnetic field dissipation can be found by 
comparing tB with the free-fall time tf = (3 jr/32Gp)1/2. 

The critical field Bc can be determined from equations ( 1 ), 
(16) and (17) as 

Bc~4 
l JtkBTp\ 

1) 

1/2 
(24) 

Substituting this into equation (21) we find that the scale- 
length H of the magnetic field defined by 

B2 

4jtH 
(25) 

is nearly equal to 4Z/3. The critical field may be defined in a 
different way. An isothermal gaseous disc penetrated by a 
uniform magnetic field perpendicular to the disc layer is 
gravitationally unstable only when B is smaller than the 
critical field (Nakano & Nakamura 1978) 

Bc~2tiG1I2o. (26) 

This equation has a similar meaning as equation (1). This 
critical field is ^3 times greater than equation (24) and the 
corresponding scalelength H is 3 times greater than the 
above. However, when the dominant charged particles are 
strongly coupled with the magnetic field, i.e. | tvo)v\ >1, A/ 
Ax hardly depends on B (e.g. when charged grains are 
negligible, we have A/A{~ pjr,). In such a situation tB for a 
given value of B/Bc hardly depends on the choice of Bc. In 
the following we adopt equation (24) as Bc. We are mainly 
concerned with the cases of B^BC, because the cloud with 
B> Bc expands and does not form stars. 

We shall investigate the clouds of mean hydrogen density 
nu up to 1013 cm-3. Because the grain opacity for the radia- 
tion of 10 K is about 0.01 cm2 g-1 (Hayashi & Nakano 
1965), clouds with «H^1013 cm-3 are almost transparent 
as seen from equation (18). We therefore take T* 10 K. In 
calculating the densities of the charged particles, we use the 
ionization rate of a hydrogen molecule in the cloud core 

From equations (16), (17), (19) and (20) we have 

UjlGkRT\112 3/2 

\ I 
(21) 

The flux loss time in such a cloud may be given by tB « R/ 
vBx. However, the contraction of a cloud is quite non- 
homologous. As shown by the numerical simulations on the 
quasi-static contraction of axisymmetric clouds induced by 
the plasma drift (Nakano 1979, 1982, 1983b), the con- 
traction of the central region with higher density is faster 
than the outer region with lower density and forms a core, 
which finally begins dynamical contraction. The time-scale 
of such a non-homologous process is given by the time in 
which the magnetic field drifts the scalelength of the central 
region which is of the order of Z. Thus we define the dissipa- 
tion time of the magnetic field as 

tB~ZlvBx- (22) 

o 

2# 

where £CR~ 1 x 10“17 s-1 and ÇR«6.9 x 10-23 s-1 are the 
ionization rates by cosmic rays in the interstellar space and 
by the radioactive elements in the cloud, respectively, and 
# « 96 g cm-2 is the attenuation length of the ionization rate 
(Umebayashi & Nakano 1981). As seen from equation (18), 
the attenuation of cosmic rays is efficient at nH ^ 10!2 cm- 3. 

Figs 7 and 8 show the results for the case of ôi = ô2 = 0 
with a = 0.1 pm. The solid curves in Fig. 7 show the contours 
of constant ¿ß//f on the {nn, B) plane, and the solid curves in 
Fig. 8 show the contours of constant D, the efficiency ratio of 
the plasma drift to the ohmic dissipation given by equation 
(13). In both figures the critical field strength Bc given by 
equation (24) is shown by the dot-dashed lines, and the field 
strengths for the state of | tv(x)v\ = 1 for electrons, dominant 
ions and grains of charge ± e are shown by the dashed Unes. 

£ « £cr exp 
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log nH (cm3) 

Figure 7. The dissipation time tB of magnetic fields in the core of an 
oblate cloud as a function of the mean density nH and the mean field 
strength 5 for ô1 = ô2 = 0 and for a = 0.1 /un. The solid curves 
represent the contours of constant tBlt{ and are labelled with the 
values of log (tBltf) where t{ = (3jt/32Gp)1/2 is the free-fall time. The 
dot-dashed line represents the critical field strength Bc for contrac- 
tion given by equation (24). The dashed lines represent the field 
strength for the state | tvü)v\ = 1 for electrons, dominant ions and 
grains with electric charge ±e. 

log nH (cm3) 

Figure 8. The ratio of the effects of plasma drift and ohmic 
dissipation D defined by equation ( 13) in the core of an oblate cloud 
as a function of the mean density nH and the mean field strength B 
for ój = 02 = 0 and for a = 0.1 /an. The solid curves represent the 
contours of constant D and are labelled with the values of log D. 
The critical field strength Bc and the state of | rvo)v\ = 1 are shown 
by the dot-dashed and the dashed fines, respectively. 

Some of the qualitative features of the results at 1011 

cm-3 can be obtained from the following consideration. For 
tj cuj ^ 1 and | Tg cu | ^ 1, which are satisfied at least at B « Bc 

and lO^lO^cm-3, we obtain from equations (10)-( 12) 
and (23) 

t ,->cV 3 (A/Tj)2 + (pgft>c)
2 

B \b) \nGp2 (yOj/rO + PgTgiOg ’ 
(28) 

though the error may be as large as a factor of 2 in some 
situations. At «H ^ 1011 cm-3 and B^BC with a = 0.1 jum, the 
terms due to grains are minor. In such a situation tB is pro- 
portional to the ionization fraction p-Jp and inversely pro- 
portional to B2 because x{^p~l. Hence, as B increases at a 
given flH, tB decreases. However, even at B =BC, tB is greater 
than 6tf at nH^ 108 cm-3 and greater than tf at 
108^«H^4x 1010 cm-3 as seen from Fig. 7. Because 
tBoc(BJB)2oc(<pj<p f and the cloud with 0<0C contracts 
nearly freely as long as its mass is somewhat greater than the 
Jeans mass, it is difficult to decrease the flux far below <1>C at 
these densities. 

When D<1, tB is nearly independent of B. This is charac- 
teristic of ohmic dissipation: the ohmic dissipation time is 
given by 4jtocH

2/c2 independent of B, where oc is the 
electric conductivity. 

At «#>severalx 1011 cm-3 we have tB<t{ for any B as 
seen from Fig. 7. Because the dynamical evolution of the 
cloud usually cannot proceed faster than the free fall, the 
magnetic field is decoupled from the gas at these densities. 
However, this does not mean that the magnetic field of any 
configuration cannot exist in the cloud. The field with the 
scalelength //much greater than the scalelength of the cloud 
Z (e.g. a nearly uniform field) can exist though it hardly 
couples with the gas. 

The qualitative features are nearly the same for the other 
cases of element depletion. Fig. 9 shows tB at B=BC for 
the three cases of element depletion. At nu^4x 101() cm-3 

tB is greater than tf for all cases, and the magnetic field 
decouples from the gas for any B only at nH ^ several x 1011 

cm-3. Nakano (1988a) obtained tB somewhat greater than 
those shown in Fig. 9 especially in the case of ô1 = 0.2 and 
ó2 = 0 where the ion density is the lowest. This is because he 
took ng/nH about 4 times greater considering the existence of 
icy materials and then the grain term in the numerator of 
equation (28) is not negligible. In Section 4 we shall calculate 
tB with ice-mantled grains. 

Although we have assumed that all grains have the same 
radius a = 0.1 /an, the grain size spreads in a wide range. To 
find the effect of grain size we have investigated the cases 
of « = 0.3 and 0.03 /an. Fig. 10 shows tB in the state of /? = Bc 

with a = 0.3 /an. Although the curves for tB behave nearly 
the same as in Fig. 9, tB is considerably greater in some 
density range. This is because the recombination on grains is 
less efficient and then the ion density is higher. Fig. 11 shows 
tB in the state of B =BC with a = 0.03 /an. The curves for tB 

have plateaus at aH ~ 105-109 cm-3. In the case of 0 = 0.03 
pm I cog\ is 37 times greater than in the case of a = 0.1 pm. 
The smaller grain radius also makes the ion density lower. 
Thus the term due to grains in the numerator of equation 
(28) is greater than the term due to ions in this density range, 
while in the denominator the two terms are comparable and 
the ratio of the two terms is nearly constant. Because pg °c p, 
ct>g °c /?^ oc p, pj « constant and p - ^ \ve have tB « constant 
or a plateau in this density range. At nH^109 cm-3 the 
fraction of charged grains pjp decreases with the density 
and then decreases. At nu ^ 105 cm-3 the ion teiim in the 
numerator of equation (28) is dominant and then the be- 
haviour of tB is similar to the case of a = 0.1 pm. At 
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log nH (cm-3) 

Figure 9. The time-scale of magnetic flux loss in the core of an 
oblate cloud with « = 0.1 /¿m for three cases of the depletion of 
heavy elements; the full line is for ój = 0.2 and ô2 = 0.02, the dashed 
Une is for ój = 0.2 and ô2 = 0, and the dotted Une is for ôj = <52 = 0. 
The free-fall time tf is also shown for comparison. 

«h ^ 4 x 1010 cm-3, tB is greater than 4¿f for all the cases of 
element depletion. The magnetic field decouples from the 
gas only at nH ^ several x 1011 cm"3 as in the other cases of 
grain size. 

4 DISCUSSION 

In determining the densities of charged particles in Sections 
2 and 3 we assumed that the gas is in ionization-recombina- 
tion equilibrium. This assumption holds when the relaxation 
time of each kind of charged particles to an equilibrium state 
is much smaller than the evolutionary time-scale of the cloud. 
From equation (4) the time-scale ^(X,-) in which the particle 
X¿ approaches the ionization-recombination equilibrium is 
approximately given by the minimum of 

 ^  (29) 
ßiJkn(^j)n(Xk) * 1 ' 

We estimate ^(X,) by using the equilibrium abundances of 
charged particles used in Section 3. The results for the case 
of ój = ó2 = 0 and a = 0.1 jum are shown in Fig. 12. The time- 
scales tjiXi) for some kinds of particles are shown by solid 
lines and the viscous damping times rv of electron, and 
grains are shown by dashed lines. The free-fall time tf is also 
shown by a dot-dashed line. Because ^(X,)^ for all par- 
ticles, we can regard the gas as being in ionization-recombi- 
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log nH (cm"3) 

Figure 10. The time-scale of magnetic flux loss in the core of an 
oblate cloud with a = 0.3 /¿m for three cases of the depletion of 
heavy elements. The other details are the same as in Fig. 9. 

3 5 7 9 11 13 

log nH (cm-3) 

Figure 11. The time-scale of magnetic flux loss in the core of an 
oblate cloud with « = 0.03 /¿m for three cases of the depletion of 
heavy elements. The other details are the same as in Fig. 9. 
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Figure 12. The relaxation time to the ionization-recombination 
equilibrium for various charged particles in the core of an oblate 
cloud (solid curve). We have taken ój = <32 

= 0 a = 0.1 /un. The 
dashed lines show the viscous damping times of motion relative to 
neutrals xv for electron, ion H3

+ and grain. The free-fall time is 
shown by a dot-dashed line. 

nation equilibrium at the densities considered in this paper. 
The situation is similar for the other cases of element 
depletion. 

Because the relaxation time ^ for ions and electrons is 
much greater than the viscous damping times and re, we 
can neglect the effects of the change of the charge state on 
the motion of ions and electrons. The time-scales of charge 
change of grains are much smaller than rg at nH ^ 1010 cm-3. 
Because the charge of a grain changes stochastically in rg, it 
must move in a complicated way (Elmegreen 1979). We have 
regarded each grain as having a fixed charge and the fraction 
of grains in each charge state is proportional to the mean 
duration time of the state. This is a good approximation as 
discussed by Nakano & Umebayashi (1980,1986a). 

In Sections 2 and 3 we neglected the existence of icy 
materials such as H20, CH4 and NH3 in grains. The inclusion 
of such materials would enhance the grain size and/or the 
number of grains. To clarify the effect of the existence of icy 
materials, we have investigated the following two cases: (A) 
fl = 0.22 /an and ag/«H = 8.9 x 10-13; (B) a = 0.1 /an and nj 
nH = 8.8 x 10"12. The inner density of icy materials in grains 
has been taken 0.9 g cm-3 in both cases. In case A, tB is 
nearly the same as in the case of a = 0.1 /an without icy 

materials shown in Fig. 9. In case B, tB is enhanced con- 
siderably compared with those in Fig. 9 especially at 
108 ^ aH ^ 4 x 1010 cm-3 and is similar to those in Fig. 11. 

By the coalescence of grains the grain radius may increase 
and the relative number density of grains may decrease as aH 

increases. However, as seen by comparing Figs 9 and 10, tB 

cannot be smaller than in the case of a = 0.1 /mi. Further- 
more, the coalescence occurs frequently only at nH ^ 1013 

cm-3 if they collide with their thermal velocity. Thus the 
coalescence has no important effects on the behaviour of 
magnetic fields. 

In Sections 2 and 3 we have assumed for simplicity that all 
grains have the same size and investigated the three cases of 
the grain radius a = 0.3, 0.1 and 0.03 /mi. In reality, however, 
the interstellar grains have a wide size distribution, e.g. 
between 0.25 and 0.005 /mi (Mathis, Rumple & Nordsieck 
1977). From the results in Section 3 showing that the case of 
<2 = 0.1 ¡um gives the minimum we can make the following 
estimation. If we shift some of the grains to the size larger 
than 0.1 /2m fixing the total grain abundance pjp, the total 
surface area of grains decreases and the ion density 
increases. This has an effect of increasing tB. Because a larger 
grain couples with magnetic fields more weakly, the shift to 
larger size also has an effect of decreasing tB. However, the 
latter effect is smaller because the contribution of grains with 
a = 0.1 pm to tB is already small compared with the ions. If 
we shift some of the grains to the size somewhat smaller than 
0.1 /mi, the total surface of grains increases and the ion 
density decreases, which has an effect of decreasing tB. The 
shift to smaller size also has an effect of increasing tB because 
smaller grains couple with magnetic fields more strongly. The 
results for the cases of a = 0.1 and 0.03 pm show that the 
latter effect is dominant. Thus we can say that tB cannot be 
smaller than in the case of a = 0.1 pm shown in Figs 7 and 9. 
Because there are many interstellar grains with a < 0.1 pm, tB 

must be considerably greater than in the case of a = 0.1 pm. 
Thus tB is considerably greater than ¿f at «H < 1011 cm-3, and 
the magnetic field decouples from the gas only at 

^ several x 1011 cm-3. 
The magnetic flux loss in the gaseous discs permeated by 

magnetic field parallel to the disc layer has been investigated 
by many authors (Shu 1983; Paleologou & Mouschovias 
1983; Scott 1984; Mouschovias, Paleologou & Fiedler 1985; 
Nakano 1985) by assuming the gas moving only perpendicu- 
larly to the layer. Some of the results for such discs are quite 
different from those shown in Section 3. For instance, Mous- 
chovias et al. (1985) found that the magnetic flux decreases 
by several orders of magnitude at nu < 1011 cm-3. Such a 
disc in hydrostatic equilibrium has a central pressure 
Pc = jiGo2/2, where ais the column density of the disc. If the 
magnetic pressure overwhelms the gas pressure, the 
magnetic force nearly balances the gravity and then the 
magnetic flux is lost in a time-scale considerably greater than 
tf as in the cloud with B~BC investigated in Section 3. After 
the disc has lost some magnetic flux, it contracts until the 
pressure recovers the equilibrium value. If the magnetic 
pressure is still dominant in this state, the disc again loses its 
flux in a time-scale considerably greater than the free-fall 
time at this new state. The disc repeats this process jmtil the 
gas pressure becomes dominant. Thus such a disc can lose 
its magnetic flux by orders of magnitude in a time-scale 
considerably greater than the initial free-fall time. 
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Mouschovias et al (1985) seem to have simulated such a 
process in some of their models. 

However, such a disc is gravitationally unstable and 
breaks into fragments in a free-fall time (Nakano 1988b). 
Before significant magnetic flux is lost, the disc transforms 
itself into a quite different configuration contracted along the 
field lines (Nakano 1985). The magnetic flux loss investi- 
gated in Section 3 is for clouds with such configuration. 
Although a disc with parallel magnetic field can provide 
properly the time-scale of flux loss, one cannot predict the 
total amount of the flux lost. 

5 CONCLUSIONS 

We have investigated the densities of charged particles and 
the dissipation of magnetic field in the interstellar clouds of 
density nH = 103-1013 cm-3 with some new rate coefficients 
of reactions. Especially the dissociative recombination rate 
of with an electron has been decreased by a factor of 102 

compared to the rate generally used previously. The main 
results are as follows. 

(i) By the reactions with CO, 02 and O, is trans- 
formed into other molecular ions. Even if there is no C or O 
in the gas phase, H3 recombines with an electron on the 
grain surface. Therefore, the great decrease in the dissocia- 
tive recombination rate of does not enhance the ion 
density so much. 

(ii) At nu ^ 1011 cm-3 the magnetic flux loss time tB in the 
core of an oblate cloud is considerably greater than the free- 
fall time when the cloud core has the critical magnetic 
field Bc with which the magnetic force balances gravity. 
Because tB^(Bc/B)2 as long as the plasma drift (ambipolar 
diffusion) overwhelms the ohmic dissipation and the core 
with B<BC contracts nearly freely as long as its mass is 
somewhat greater than the Jeans mass, it is difficult to 
decrease the magnetic flux greatly at these densities. 

(iii) At severalx 1011 cm-3, tBis less than the free- 
fall time irrespective of the field strength as long as the scale- 
length of magnetic field is nearly equal to the size of the 
cloud core. Thus the magnetic field is decoupled from the 
gas and only a nearly uniform field with scalelength much 
greater than the size of the core can exist. 
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